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ABSTRACT

We use a time-dependent hydrodynamic code and a non-LTE Monte Carlo code to model disk

dissipation for the Be star 66 Ophiuchi. We compiled 63 years of observations from 1957 to 2020

to encompass the complete history of the growth and subsequent dissipation of the star’s disk. Our

models are constrained by new and archival photometry, spectroscopy and polarization observations,

allowing us to model the disk dissipation event. Using Markov chain Monte Carlo methods, we find

66 Oph is consistent with standard B2Ve stellar properties. We computed a grid of 61568 Be star disk

models to constrain the density profile of the disk before dissipation using observations of the Hα line

profile and SED. We find at the onset of dissipation the disk has a base density of 2.5× 10−11 g cm−3

with a radial power-law index of n = 2.6. Our models indicate that after 21 years of disk dissipation 66

Oph’s outer disk remained present and bright in the radio. We find an isothermal disk with constant

viscosity with an α = 0.4 and an outer disk radius of ∼ 115 stellar radii best reproduces the rate of 66

Oph’s disk dissipation. We determined the interstellar polarization in the direction of the star in the

V-band is p = 0.63± 0.02% with a polarization position angle of θIS ≈ 85.7± 0.7◦. Using the Stokes

QU diagram, we find the intrinsic polarization position angle of 66 Oph’s disk is θint ≈ 98± 3◦.
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1. INTRODUCTION

Classical B-emission (Be) stars are rapidly rotating,

main sequence, B-type stars that form outwardly diffus-

ing disks of gas that have been ejected from the stellar

surface. These geometrically thin disks are comprised

of almost fully-ionized hydrogen gas and rotate around

the stellar equator in Keplerian fashion (Rivinius et al.

2013). The rapid rotation of these stars (Slettebak 1982)

is believed to lead to the disk formation, which is likely

assisted by non-radial pulsations (Rivinius et al. 2003;

Baade et al. 2016). The disks are characterized by in-

frared and radio excesses in the star’s spectrum, polar-

ized light, and the presence of hydrogen series emission

lines (Rivinius et al. 2013).

Many Be stars show variability over timescales rang-

ing from minutes (Goraya 2008) to decades (Okazaki

1997). The rapid variability observed from these sys-

tems is commonly associated with localized mass ejec-

tions (Balona 1990), β-Cephei type pulsations (Balona

& Rozowsky 1991) and non-radial pulsations (Baade

1982; Rivinius et al. 2003). Some disks exhibit cycles

of growth and dissipation, which are dependent on the

viscosity of the gas as outlined in the viscous decretion

disk (VDD) model (Lee et al. 1991; Papaloizou et al.

1992; Klement et al. 2015). This type of variability oc-

curs typically over periods of decades (e.g. Wisniewski

et al. 2010).

66 Ophiuchi (HR 6712, HD 164284) is a bright (mv ∼
4.8 mag), multiple star system (Štefl et al. 2004) con-

taining a classical Be star of spectral type B2Ve (Floquet
et al. 2002), at a distance of ∼199.6 pc1. Since 1957, ob-

servations indicate that 66 Oph built a large disk which

it subsequently lost over a period of dissipation that

started around 1990 and finished about 20 years later.

These events make 66 Oph an ideal system for studying

the physics of disk dissipation.

Many observational campaigns have focused on this

star because of the variability of its disk. In 1957, the

transition of the Hα line into emission signalled the on-

set of disk formation. (Rakotoarijimy & Herman 1958).

Grady et al. (1987), Percy & Attard (1992) and Percy &

Bakos (2001) found that metal lines at UV wavelengths

showed evidence of recurrent episodic mass-loss from

1 Based on Hipparcos parallaxes (van Leeuwen 2007)
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1982 to 1985, and again from 1989 to 1999 using UBV

photometry. Hanuschik et al. (1996) reported that the

ratio of the violet (V) and red (R) peaks of the Hα pro-

file began to vary in 1988, and continued through 1995

when it had a period of five years. Štefl et al. (2004)

showed that the V/R ratio was constant (i.e. V = R)

at the onset of dissipation, suggesting the disk was ax-

isymmetric. Floquet et al. (2002) gave a detailed history

of the pulsation period of 66 Oph before the period of

disk dissipation, which they claim began in 1992. Since

then, there has been a slow decline of the Hα emission

strength with a transition to an absorption line in 2010

(Sabogal et al. 2017). The line profile has remained un-

changed since then.

In this study, we investigate the evolution of 66 Oph’s

disk at the onset and throughout the dissipation period.

We characterized the physical state of the disk before

dissipation and the dynamics of the disk during dissi-

pation. This includes identifying the density structure

and radial extent of the disk, as well as the viscosity

and temperature distribution. This was accomplished

by finding the best model to reproduce observations of

the spectral energy distribution (SED), Hα spectral line,

V-band polarization and V-band photometry during dis-

sipation. By including observations from previous works

in addition to presenting new observations, our unique

data set allows us to model the complete dissipation of

66 Oph’s disk for the first time.

The models presented in this work were created fol-

lowing similar methods to Haubois et al. (2012), Car-

ciofi et al. (2012), Ŕımulo et al. (2018) and Ghoreyshi

et al. (2018). The 1D dynamical code SINGLEBE was

used to compute the disk surface density of an axisym-

metric disk as a function of time, given a disk viscosity.

The resulting disk density distributions were then input

to the 3D radiative transfer code HDUST to calculate the

emergent spectrum. In Section 2, we describe the obser-

vations compiled over the period of 1957 to 2020. Sec-

tion 3 gives a detailed description of our method to de-

termine the parameters of the star. Section 4 describes

our modelling routines along with the results of the mod-

elling. Section 5 provides a discussion and summary of

our work including a comparison to other findings in the

literature.

2. OBSERVATIONS

We compiled observations from a variety of different

sources to investigate the disk’s evolution over many

decades. Figure 1 shows the V-magnitude photometry,

Hα equivalent width (henceforth, EW) and continuum

V-band polarization from the onset of disk growth and

subsequent dissipation from 1957 to 2020. We adopt

the convention that negative EW means flux above the

continuum.

Most of the observations used in this work were from

the literature. We used V-magnitude photometry from

the works of Haupt & Schroll (1974), Pavlovski et al.

(1997), Percy et al. (1997), and Floquet et al. (2002).

We also acquired Hα EW’s from the works of Slette-

bak & Reynolds (1978), Ghosh (1988), Krishnamurthy

(1999), Hanuschik et al. (1995), Floquet et al. (2002),

and from the Be Star Spectra Database (BeSS)2. Re-

ported values of the Hα EW and V-band polariza-

tion were acquired from the archive for the Lyot Spec-

tropolarimeter3 and the Halfwave Spectropolarimeter

(HPOL) at the University of Wisconsin-Madison Pine

Bluff Observatory, which were reduced in the work of

Draper et al. (2014). We also used observations of the

V-band polarization published by Poeckert et al. (1979)

and Hayes (1983).

A number of previously unreported observations of 66

Oph are also presented. We used measurements of the

Hα EW determined from observations of the Hα spectra

made using the fibre-fed échelle spectrograph attached

to the 1.1 meter John S. Hall telescope at the Lowell Ob-

servatory in Flagstaff, Arizona. Observations from this

instrument were obtained between 2005 and 2007, with

a resolving power of R = 10000. The reduction process

of these observations follows that previously described

in Jones et al. (2017).

Our models are constrained by observations of the Hα

EW and V-band polarization, acquired respectively us-

ing the MUSICOS spectrograph and the IAGPOL po-

larimeter at the Pico dos Dias Observatory (OPD), oper-

ated by the National Astrophysical Laboratory of Brazil

(LNA) in Minas Gerais, Brazil. These observations

were reduced with packages developed by the Beacon

group4, and described in Magalhaes et al. (1984, 1996)

and Carciofi et al. (2007).

The most recent Hα EW observation was obtained

by the NRES spectrograph at the Las Cumbres Obser-

vatory LCOGT network. Details about the instrument

and reduction process of this observation can be found in

Brown et al. (2013). Since this observation was acquired

while 66 Oph was diskless, it was used for comparison to

our diskless models. This observation is later presented

in Subsection 4.2.

Over a 63 year period, the V-band photometry, mν

was observed to range between 4.5 < mν < 4.9 mag.

During dissipation, the episodic variability continued

2 http://basebe.obspm.fr/basebe/
3 http://www.sal.wisc.edu/PBO/LYOT/
4 http://beacon.iag.usp.br/
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Figure 1. Observations of 66 Oph from 1957 to 2020. Top: V-band photometry Middle: Hα EW Bottom: V-band polarization.
The sources of the data are listed in the legend; those without dates are previously unpublished. The solid grey vertical line
indicates the time for the onset of disk dissipation and the dashed grey vertical line indicates when the Hα line transitioned to
absorption. The solid and dashed grey lines also approximately correspond to the periods of observation for IRAS and WISE,
respectively.

with nine outbursts of between 1991 and 2008, while

the overall brightness asymptotically dimmed.

As the V-band photometry available to us is sparse

during the disk building phase, the variation of the light

could not be used to model the evolution of the disk as

was done in the studies of Ghoreyshi et al. (2018) and

Ŕımulo et al. (2018). Photometric observations in other

bands (UV, IR, etc.) are also sparse, with only snap-

shots available. Here, we use the V-band photometry

along with observations of the entire SED, the Hα line

profile and the percentage of polarized light over time.

The vertical, solid grey line in Figure 1 indicates the

onset of dissipation (and is further discussed in Subsec-

tion 4.1). As the dissipation event begins, the contin-

uum flux drops and the inner disk re-accretes causing

the Hα EW to increase. This is seen in Figure 1 around

1995 as shown by the observations from Krishnamurthy

(1999) and Hanuschik et al. (1995). After this time, the

EW began to steadily decrease until the line went into

absorption in 2010 (indicated by the vertical, dashed

grey line). Our most recent observation, obtained by

NRES/LCOGT in March 2020, indicates that 66 Oph

continues to be diskless.

The bottom panel of Figure 1 shows the change in the

observed polarization, pv, with time for 66 Oph. Since

1980, the percent polarization slowly decayed until it

approached the interstellar base level. From the base

level polarimetric observations obtained by OPD/LNA

in 2017 (listed in Table 1), the V-band interstellar po-

larization is ∼ 0.63% with a polarization position angle

of θ ≈ 85.7◦. This average value was subtracted from

each of the observations using the scheme outlined by
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Figure 2. V-band polarization of 66 Oph from HPOL and
OPD/LNA plotted on a Stokes QU diagram. The linear
regression was used to determine the intrinsic polarization
position angle.

Modified Julian Date Filter P[%] θ[◦]

57615.04 I 0.54 ± 0.03 85.1 ± 1.6

57615.05 R 0.61 ± 0.01 86.3 ± 0.5

57615.05 V 0.63 ± 0.02 85.7 ± 0.7

57615.06 B 0.60 ± 0.01 83.9 ± 0.2

57623.12 I 0.51 ± 0.01 86.6 ± 0.5

Table 1. OPD/LNA observations of 66 Oph used in this
work as an estimate of the interstellar polarization.

Quirrenbach et al. (1997). The intrinsic polarization of

66 Oph obtained is discussed further in Section 4.2.2.

The star’s SED was also used to refine our mod-

els. We selected 112 observations of the UV portion of

66 Oph’s SED observed by the International Ultravio-

let Explorer (IUE) telescope from the INES database

(González-Riestra et al. 2001) following the selection

procedure described by Freire Ferrero et al. (2012). The

data selected were observed using the large aperture and

high dispersion modes on the LWR and SWP cameras

to ensure proper flux calibration and high spectral reso-

lution. The observations were obtained over the period

of March 1980 to September 1995, during which the ob-

served flux showed no significant changes. We chose

to remove the IUE data beyond 0.3 µm due to instru-

mental limitations which cause significant uncertainty

(González-Riestra et al. 2001).

Visible and IR wavelength observations were obtained

from the CDS Portal application from the Université de

Strasbourg. Observations at these wavelengths were ac-

quired while the disk was present (e.g. IRAS in 1989)

and absent (e.g. AKARI in 2006-07 and WISE in 2010),

providing upper and lower limits for modelling the SED.

In addition to indicating the onset of dissipation and

transition to absorption, the grey lines in Figure 1 also

lie at the approximate dates of observation of IRAS

(solid grey line) and WISE (dashed grey line) data. We

also collected radio observations from VLA and ATCA

(Apparao et al. 1990; Clark et al. 1998) and JVLA (Kle-

ment et al. 2019). These observations are presented

alongside our models in Subsection 4.1.

2.1. The Interstellar Polarization

Figure 2 shows a Stokes QU diagram of the V-band

polarization obtained by HPOL and by OPD/LNA. The

observed path on the QU diagram during the disk dis-

sipation phase is upward and to the right. As discussed

by (Draper et al. 2014) and more recently by (Ghoreyshi

et al. 2021), the process of formation and/or dissipa-

tion of a Be star disk is associated with a linear trend

in the QU diagram, during which the polarization level

rises or lowers in response to changes in the disk density,

but the polarization angle remains steady. By fitting a

linear regression to the HPOL observations, and fixing

it to the assumed diskless 2016 observation, we deter-

mined the polarization position angle of the disk to be

∼ 98±3◦. This was also confirmed by fitting a Serkowski

law (Serkowski 1973) to the OPD/LNA observations in

Table 1, using

P (λ)/P (λmax) = exp[−1.15 ln2(λmax/λ)]. (1)

We determined this law to best fit the observations in

Table 1 when P (λmax) = 0.62±0.02% at 0.61±0.04 µm.

Subtracting this spectrum from the HPOL observation,

we accurately modelled the polarization of the disk

(shown later in Subsection 4.2.2). From this spectrum,

the wavelength averaged polarization position angle of

the disk was computed to be 96 ± 4◦, in perfect agree-

ment with the estimate made using the QU diagram.

3. STELLAR PARAMETERS

The use of Markov chain Monte Carlo (MCMC) rou-

tines along with Bayesian statistics has recently found

success in the modelling of Be stars (e.g. Ŕımulo et al.

2018; Mota 2019; Suffak et al. 2020; Mota et al. in prep.).

In this Section, we use these methods to determine which

stellar parameters best reproduce observations from the

IUE, previously described in Section 2. The UV spec-

trum is not strongly affected by the disk, so we used it

for our fitting procedure to find the stellar parameters.

We determine values for the stellar mass M , critical frac-

tion of rotation W (as defined in equation 6 of Rivinius
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Best Fit Derived

Parameters Values Parameters Values

M [M�] 11.03+0.55
−0.53 L [L�] 8200+1600

−1300

W 0.52+0.05
−0.05 Teff [K] 25940+800

−750

t/tms 0.33+0.10
−0.08 log g 4.17+0.05

−0.06

i [◦] 57.6+6.8
−6.8 Rpole [R�] 4.50+0.32

−0.23

d [pc] 208.6+8.9
−9.0 Req [R�] 5.11+0.37

−0.26

E(B − V ) 0.22+0.01
−0.01 vsin(i) 290+11

−9

Table 2. The best fitting stellar parameters for 66 Oph
computed with emcee, and derived from the computed values
using the models of Georgy et al. (2013).

et al. 2013), age t/tms (where tms is the main sequence

lifetime), inclination i, distance d and the degree of in-

terstellar reddening E(B − V ), and from these compute

the derived parameters listed in Table 2.

We use a grid of 770 diskless Be star models, called

BeAtlas, to create a parameter space for evaluating the

observed spectrum from IUE. The BeAtlas grid was orig-

inally computed by Mota (2019) using a 3D non-local

thermodynamic equilibrium (non-LTE) Monte Carlo ra-

diative transfer code called HDUST (Carciofi & Bjorkman

2006). This code simulates Be stars with or without

disks by solving the coupled problems of radiative equi-

librium, statistical equilibrium, and radiative transfer to

compute synthetic observables. Table 3 summarizes the

ranges of the stellar parameters for the BeAtlas mod-

els; the masses are consistent with those computed by

Georgy et al. (2013).

The parameter space was sampled using emcee

(Foreman-Mackey et al. 2013), a Python code of the

Affine Invariant MCMC Ensemble sampler (Goodman

& Weare 2010). We defined Gaussian prior distribu-

tions with mean and variance taken from literature

values (see Table 4). We used the parallax from Hip-

parcos (van Leeuwen 2007) since the parallaxes from

GAIA’s DR2 catalogue (Gaia Collaboration et al. 2018)

contained large errors for bright stars, including 66 Oph.

Recently, we found recomputing the stellar parameters

using the parallax reported in GAIA’s eDR3 catalogue

(Gaia Collaboration et al. 2020) (∼ 4.90± 0.37 mas, or

∼ 204+17
−14 pc) produced a consistent set of parameters.

Before fitting, each model was also artificially red-

dened using the standard Fitzpatrick (1999) parameteri-

zation, with E(B−V ) as a free parameter in determining

each model’s goodness of fit. We used a log(χ2) likeli-

hood function to evaluate the fit of the models to the

observations.

Our emcee computation used 30 walkers and 50000

steps with a burn-in of 5000 steps, which were cho-

sen by following the guidelines discussed by Foreman-

Parameter Grid Values

M [M�] 1.7, 2, 2.5, 3, 4, 5, 7, 9, 12, 15, 20

W 0.00, 0.33, 0.47, 0.57, 0.66, 0.74, 0.81, 0.93, 0.99

t/tms 0, 0.25, 0.5, 0.75, 1, 1.01, 1.02

Table 3. The mass, critical fraction of rotation and age used
for the BeAtlas grid of models.

Parameter Value Reference

parallax [mas] 5.01 ± 0.26 (van Leeuwen 2007)

vsin(i) [km/s] 280 ± 17 (Granada et al. 2010)

i [◦] 43 ± 8 (Floquet et al. 2002)

Table 4. The values used as prior distributions in emcee .

Mackey et al. (2013). Approximately 27% of the steps

proposed by the MCMC were accepted, which is consis-

tent with the range recommended by Foreman-Mackey

et al. (2013), when using a walker step size of 3.0.

Figure 3 shows the resulting probability density func-

tions (PDFs) for the stellar parameters and correlation

between these parameters as predicted by emcee. The

top right corner of Figure 3 shows UV data along with

a model computed with the best fit parameters in red.

The grey lines show the model predictions corresponding

to the last step of each walker. The residuals between

the data and the model are shown directly below this

panel.

The stellar parameters predicted by emcee are used

to compute the mean stellar luminosity L, mean effec-

tive temperature Teff , mean surface gravity g, polar

radius Rpole, equatorial radius Req, and vsin(i) by in-

terpolating the Geneva stellar evolutionary models from

Georgy et al. (2013) (more details are available in Mota

2019). Table 2 lists the most probable stellar param-

eters and the additional parameters derived from the

Geneva models. The mass, temperature and radius are

consistent with standard values for B0 to B2 stars (Cox

2000), and are in agreement with Waters et al. (1987),

Floquet et al. (2002), Frémat et al. (2006) and Vieira

et al. (2017). Values of vsin(i) reported in the litera-

ture range from 200 km/s (Bernacca & Perinotto 1970)

to 292 km/s (Floquet et al. 2002); our derived value

agrees more closely with the upper limit. Our stellar

parameters are further confirmed in Subsection 4.1, by

comparison with the observed diskless SED.

4. DISK STRUCTURE

In Subsection 4.1 we determine the quasi-steady state

of the disk by SED fitting and Hα line modelling prior

to the dissipation. We model the Hα observation ob-
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Figure 3. The best fitting stellar parameters to 66 Oph’s UV spectrum. The probability density functions of each parameter
are shown on the main diagonal axis while the intersection for each parameter shows the correlation map. The six parameters
included in the fitting procedure are the stellar mass M , the critical fraction of rotation W , time of life on the main sequence
t/tms, stellar inclination i, distance d, and interstellar reddening E(B−V ). The subfigure in the top-right corner shows the UV
data, the model corresponding to the best fit parameters and the predictions from the last step of each walker. The residuals
between the data and model are shown directly below this subfigure.
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tained by the HPOL Be star campaign on June 28, 1989.

This observation (previously discussed by Draper et al.

2014) corresponds to our determination of the onset of

disk dissipation in March 1989. This observation was

obtained at a key time when 66 Oph’s disk was neither

growing nor dissipating. The evolution of the disk before

and after the quasi-steady state is modelled in Subsec-

tion 4.2. These models consider four different scenar-

ios: whether the disk is isothermal or non-isothermal,

and whether the disk builds to a steady state then dissi-

pates, or dissipates from the steady state. These scenar-

ios are presented as follows; Subsection 4.2.1 – isother-

mal disks that build then dissipate, Subsection 4.2.2 –

isothermal disks that dissipate only, Subsection 4.2.3 –

non-isothermal disks that build then dissipate, and Sub-

section 4.2.4 – non-isothermal disks that dissipate only.

Models for each scenario were constrained by SED and

Hα line fitting, and further compared to polarization

when appropriate.

4.1. Modelling the Quasi-Steady State Phase

In the VDD model, gas is injected into the inner disk

and diffuses outward via viscous forces (Porter 1999).

VDDs were initially modelled by Porter (1999) and later

by Okazaki (2001), Bjorkman & Carciofi (2005), Jones

et al. (2008) and Lee (2013). These studies showed that

with a constant mass injection rate the disk’s density

profile becomes relatively constant as a steady state is

reached over months, years or longer, since gas that is

moving outward is replenished at the innermost bound-

ary. However, Haubois et al. (2012) claims that a true

steady state is never realized but that a quasi-steady

state phase is observed in many Be stars (e.g. Klement

et al. 2015).

The Hα EW did not vary significantly between 1985

and 1995 (as seen in the middle panel in Figure 1). Dur-

ing this time, 66 Oph’s disk was approximately quasi-

steady, however the drop in V-band magnitude and po-

larization, which form closer to the star (Faes et al.

2013), suggest that the dissipation began between 1989

and 1990 (indicated by the vertical, solid grey line in

Figure 1).

Our initial goal is to quantify the density structure of

66 Oph’s disk while in this quasi-steady state so that

we can use this model as a baseline to follow subsequent

dissipation.

Often in the literature, a power-law density distribu-

tion is used to represent a snapshot of the disk in time.

We use the density structure originally adopted by Wa-

ters (1986) for IR continuum observations,

ρ(r) = ρ0

(
Req
r

)n
. (2)

Figure 4. A comparison of the HPOL 1989 Hα profile to the
best fit unconvolved model (dotted, grey) and final convolved
spectra (dashed, blue). The vertical dashed lines show the
range over which the fit was evaluated.

Here, ρ0 is the density at the innermost disk radius in

the equatorial plane, r is the radial distance from the

central star, and n is the power law exponent.

We computed a grid of 61568 models with densities

from ρ0 = 10−10 to 10−13 g cm−3 for every quarter mag-

nitude, with n = 2.0 to 3.5 in steps of 0.1, inclination

from i = 0 to 90◦ in steps of 2.5◦, and outer disk radii

of Rout = 20, 30, 40, 50, 60, 80, 100 and 200 Req. For

each model, HDUST (previously described in Section 3)

was used to compute the SED and Hα line profile.

Non-coherent electron scattering within the disk also

affects the shape of line profiles by broadening the wings

of the line (Hummel & Dachs 1992). This process is not

accounted for in HDUST, so to approximate the effect, we

assume that a fraction f of the Hα flux is scattered by

electrons with thermal velocities ranging from ve = 300
to 800 km/s, and that the scattered flux has a Gaussian

profile. Thus, a new line profile Fnew is obtained by

Fnew(λ) = (1− f)Fncλ+ f × Fc(λ) , (3)

where Fnc is the non-convolved line profile predicted by

HDUST and Fc is the convolution of Fnc with a Gaussian

with FWHM of ve. The convolved line profiles were then

fit to the HPOL 1989 spectrum using emcee (unique

from the routine which used emcee previously described

in Section 3). The fits were evaluated by interpolating

the model fluxes to the wavelengths of the observed data

and then calculating χ2
ν values.

After convolving, we found a subset of models within

1σ of the observed Hα EW (−58 Å). The best fit model

according to χ2
ν testing has a density of ρ0 = 2.5 ×

10−11 g cm−3, with n = 2.6, at i = 57.5◦, and Rout =

100 Req, with a fit of χ2
ν = 1.17 when using Fc = 0.22,
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Figure 5. Change in the Hα EW and corresponding χ2
ν

values for the best fit model with increases in outer disk
radius. χ2

ν was computed as the fit of the convolved profile
to the HPOL 1989 line profile.

ve = 700 km s−1. Figure 4 shows the observed profile

(black line), and the best fit model before (dotted line)

and after (dashed line) convolving. These profiles all

have EW’s of −58 Å. The thermal velocity used for

the convolution corresponds to a kinetic temperature of

TK = 10100 K. This agrees with the disk temperature of

∼ 10500 K at the edge of the optically thick Hα emitting

region at ∼ 10.1 Req (computed by following Appendix

D of Vieira et al. 2017). This process of convolving lines

was previously used by Klement et al. (2015), without

MCMC fitting, for the Be star β CMi. β CMi is a late-

type star with a spectral type of B8Ve and is expected to

have a cooler disk. We note that these authors obtained

values of f = 0.6 and a smaller value of ve = 300 km s−1,

consistent with its disk temperature.

In the case of a disk with n = 3.5, the Hα emitting

volume probes a significant portion of the disk (Tycner

et al. 2005) typically thought to be the innermost 20 Req

(Faes et al. 2013). However, we found these regions be-

come increasingly extended as n decreases. This means

that for an early-type star like 66 Oph, lower values of

n result in more ionized material at larger distances.

Figure 5 shows the Hα EW and corresponding χ2
ν value

of the best fit model with increasing Rout. Here, with

n = 2.6, we find the EW increases until the disk reaches

a radius of ∼ 100 Req, beyond which there is no signif-

icant increase. Similarly, χ2
ν improves as Rout increases

and the Hα flux increases until ∼ 100 Req, with no ap-

preciable change at larger radii. This provides an upper

limit on the size of the Hα emitting region.

The star’s SED (Figure 6) was also used to indepen-

dently constrain our model values of ρ0 and n. The

SED upper bound, prior to dissipation, is set by IRAS

(1989) in the IR, as well as radio observations from VLA

(1988). Conveniently, the upper bound from IRAS was

observed just before the onset of dissipation, providing

important observational constraints for the quasi-steady

state phase. Data from ATCA (1997) and JVLA (2010)

are also on the upper bound, as the disk dissipation

had not significantly changed the disk’s radio emission

which comes from the outermost disk. The SED’s lower

bound is constrained by observations from WISE (2010)

and AKARI (2006-07). Observations of the lower bound

were obtained after dissipation and likely correspond to

a diskless state. Using the diskless model of Section

3, we find a very reasonable fit to the observations at

visible to radio wavelengths observed after 1989 with a

χ2
ν = 1.12.

We fit the upper bound SED with the same grid

of models used above for Hα fitting. We find that a

model of ρ0 = 10−11 g cm−3, n = 2.4, i = 57.5◦ and

Rout = 100 Req (shown as the solid black line in Fig-

ure 6, and the black dot in Figure 7) produced the

best fit to the visible, IR and radio photometry ob-

served before 1989 with χ2
ν = 1.09. Increasing the outer

disk radius to 200 Req marginally improved the fit to

χ2
ν = 1.07. The model which best fit the Hα line profile

(ρ0 = 2.5×10−11 g cm−3 and n = 2.6) fit the SED obser-

vations before 1989 with χ2
ν = 1.15 for Rout = 100 Req,

or χ2
ν = 1.14 for Rout = 200 Req.

Figure 7 shows a comparison of the best fit models to

the Hα line profile and SED according to the χ2
ν fitting.

The contours show the models which fit best to within

1σ. The overlap has a range of ρ0 = 8.5 × 10−12 to

3× 10−11 g cm−3, and n = 2.4 to 2.7. Within the same

overlapping region, only the ρ0 = 2.5×10−11 g cm−3 and

n = 2.6 model satisfies both the SED and Hα line profile

fitting. The model which best fit the SED produced a

relatively poor fit to the Hα line profile, with χ2
ν = 3.2.

The ρ0 = 2.5 × 10−11 g cm−3 and n = 2.6 model

predicts a V-band magnitude of 4.72 mag, which is con-
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Figure 6. A multi-epoch SED from UV through radio wavelengths, with the diskless and two best fitting disk simulations.
Observation programs are differentiated by shapes. Colours differentiate evolutionary epochs; disk building (black), and dissi-
pation before (dark blue) and after (light blue) Hα went into absorption. Observations with downward arrows are considered
upper limits (Waters et al. 1987; Klement et al. 2019).

Figure 7. Summary of the best fitting disk densities. Con-
tours corresponding to the 1σ confidence level were deter-
mined by interpolation of the χ2

ν values over the model grid.
The black contours shows the SED fitting and the grey con-
tour shows the Hα fitting, with corresponding coloured dots
indicating the best fit model.

sistent with the range of 4.76 to 4.55 mag observed in

1989 (Floquet et al. 2002). The same best model pre-

dicts the V-band polarization to be ∼ 0.72%, while ob-

servations obtained 5 years prior to dissipation show the

V-band polarization to range from 0.58% to 0.65% (after

subtracting the interstellar polarization, as described in

Section 2).

Since the ρ0 = 2.5× 10−11 g cm−3 and n = 2.6 model

with i = 57.5◦ and Rout = 100 Req is clearly successful

in reproducing the observed Hα line profile, SED, V-

band magnitude and V-band polarization, we conclude

it is the best representation of the quasi-steady state

phase for 66 Oph’s disk.

4.2. Hydrodynamic Calculations

In this section, we model the formation of 66 Oph’s

disk and the subsequent 21 years of dissipation until

the Hα emission went into absorption. We use the best

fit quasi-steady model from Section 4.1 as a mid-point

between the building and dissipation. To simulate the

disk evolution, we use the 1D dynamical code SINGLEBE,

developed by Okazaki et al. (2002) and later used by

Carciofi et al. (2012), Haubois et al. (2012), Ŕımulo et al.

(2018) and Ghoreyshi et al. (2018).

SINGLEBE solves the 1D fluid hydrodynamic equations

(Pringle 1981) for the surface density of a viscous disk

using the thin disk approximation. The disk is assumed

to be axisymmetric, Keplerian, and in vertical hydro-

static equilibrium. See Okazaki et al. (2002) and Ŕımulo

et al. (2018) for more details on SINGLEBE.

The evolution of VDDs is controlled by kinematic

viscous forces within the disk. SINGLEBE adopts the
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commonly used α-prescription for viscosity, defined by

Shakura & Sunyaev (1973) as

ν(r) =
2

3
α(r)cs(r)H(r), (4)

where ν is the disk viscosity, r is the radius in the disk,

and H is the disk scale height. The sound speed is given

by

cs(r) = [(kBT (r))/(µma)]1/2, (5)

where kB is the Boltzmann constant, T is the gas kinetic

temperature, µ is the mean molecular weight, and ma is

the atomic mass unit. Note, for a non-isothermal disk,

the radial dependence of the temperature can change

the sound speed, which in turn changes the viscosity in

Equation 4. In this case, α(r) and T (r) become degen-

erate and indistinguishable. If one parameter were to

be held constant, the other parameter may be adjusted

to produce the same viscosity. Therefore, we distin-

guish isothermal disks from non-isothermal disks based

on constant or variable αT with radius, respectively.

Viscosity affects disk evolution by influencing the out-

flow rate of the gas (Lee et al. 1991). Given α(r), a

target inner surface density Σ(r = Req) (i.e. Σ0) or in-

ner volume density ρ0, the outer disk radius Rout, and a

value for the mass injection rate at the base of the disk

Ṁinj , SINGLEBE computes the surface density as a func-

tion of time and distance from the star, Σ(r, t). Details

about the computational procedure and assumed bound-

ary conditions can be found in Ŕımulo et al. (2018).

Using equation 3.6 of Okazaki (1991), the mass density

can be computed as

ρ(r, t) =
Σ(r, t)√
2πH(r, t)

. (6)

We note that, assuming a constant αT , hydrodynamic

theory for an axisymmetric disk with Keplerian rotation

in a quasi-steady state predicts that the mass density

will have approximately a radial power law (Equation

2) with n = 3.5 (Bjorkman & Carciofi 2005).

We input the stellar parameters determined in Section

3 (see Table 2), ρ0, n, and Rout of the best fit model from

Subsection 4.1, and the duration of the growth and dis-

sipation events to SINGLEBE. We use α = 1.0 to ensure

rapid evolution (Haubois et al. 2012), however as α can

be scaled by changing the length of the evolutionary

epoch (as illustrated in figure 1 of Haubois et al. 2012)

our models can explore all values of α. For each model,

the disk’s innermost radius was set to 1 Req and the

radial grid points were spaced logarithmically from the

inner radius. Following Ŕımulo et al. (2018), we define

the onset of dissipation to occur at 0 years for all models.

The density profiles from SINGLEBE were input to HDUST

to compute the SED, Hα line profile, and polarization

at times corresponding with the observed data.

4.2.1. Building and Dissipating an Isothermal Disk

Here, we investigate an isothermal disk which builds

to a steady state and then dissipates, which we refer to

as the constant αT , n = 3.5 scenario. The isothermal

assumption also makes our models similar to the mixed

models used in Carciofi & Bjorkman (2008), where the

disk is isothermal in the fluid equations and variable in

temperature when computing observables using HDUST.

To match the base density found in Section 4.1, this

scenario requires a mass injection rate of Ṁ = 8.5 ×
1018 g/s (or ∼ 1.3 × 10−7 M�/yr) at R = 1.02Req,

of which ∼ 99% falls back onto the star. We chose a

constant disk temperature at 60% of Teff (from Table

2), following Carciofi & Bjorkman (2006).

Panel a) of Figure 8 shows density profiles of this

scenario after the building period during the dissipa-

tion. The quasi-steady state is indicated by the thick,

black line on the panel. We note that it has the ex-

pected value of n = 3.5 which differs from the n = 2.6

of the best fitting quasi-steady model. During dissipa-

tion, the disk empties in an “inside-out” fashion, which

is expected for Be stars as discussed by Poeckert et al.

(1982), Rivinius et al. (2001) and Clark et al. (2003).

After the dissipation, the maximum density of the disk

is ∼ 5× 10−13 g cm−3.

Figure 9 shows the Hα line profiles, the disk temper-

ature profiles, and the visible, IR and radio SEDs com-

pared to observed data (previously shown in Figure 6),

at different times during dissipation. The SEDs in the

three right panels show that this scenario is unable to

reproduce the observed flux before dissipation. This is

most notable at IR wavelengths where the flux is ∼ 1

to 2 orders of magnitude fainter. In the top left panel

of Figure 9, the Hα line at 0 years shows a peak flux of

∼ 1.5 times the continuum flux. In contrast, the HPOL

1989 observation (previously shown in Figure 4) shows

a peak flux of ∼ 11 times the continuum flux.

The n = 3.5 disk also has a local maximum of the

peak Hα flux at 3 years after the dissipation started.

This is due to an increase of stellar ionizing radiation

(and corresponding increase in Hα flux) reaching larger

radial distances of the inner disk due to the reaccretion

of material closest to the star. (See the bottom left panel

of Figure 9.) After this, the disk continues to dissipate

and the Hα flux drops smoothly. This phenomenon was

also observed for disk models with α = 0.1 and α = 0.5,

with the flux increase occurring at later times in the

dissipation.
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Figure 8. Disk density profiles at different times from the
start of dissipation for the following scenarios: Panel a) con-
stant αT , n = 3.5, b) constant αT , n = 2.6, c) variable αT ,
n = 2.7, d) variable αT , n = 2.6. A grey line in each panel
indicates the best quasi-steady model.

In Figure 10 we show the SED for this scenario after 21

years of dissipation (black line), and also the best quasi-

steady state model (grey line). As the disk dissipates,

the model approaches the theoretical diskless SED. This

model closely fits the UV and IR observations, however

produces a weaker radio excess than the 2010 JVLA

observations.

Figure 11 shows the Hα line profile (black line) for

this scenario after 21 years of dissipation. The line pro-

file shows no emission and is consistent with the ab-

sorption profile of the NRES/LCOGT 2020 observation.

Note, the NRES/LCOGT observation closely matches

with the observations from BESS obtained in 2010.

Figure 12 shows the Hα EW during dissipation for this

scenario (black line). Here it is apparent that the disk

could only build to approximately half of the observed

EW of the quasi-steady state and dissipates at a much

faster rate than the observations.

In conclusion, the constant αT , n = 3.5 scenario fails

to reproduce the two main observables chosen to con-

strain the models, namely the SED and Hα line emis-

sion. This is further illustrated in Figure 8, panel a),

which shows that this model produces a disk far less

massive than what is required. This will be further dis-

cussed below.

4.2.2. Dissipating an Isothermal Disk from a Defined
Density

Here we use an ad hoc scenario that starts to dissi-

pate from the quasi-steady state with n = 2.6 in order

to bypass the building phase. This constant αT , n = 2.6

scenario, uses the same α and Tdisk as the constant αT ,

n = 3.5 scenario.

Figure 8, panel b) shows that as dissipation begins,

this scenario quickly moves toward a steeper density

slope. During the first five years, the gas from the outer

disk moves to the inner disk, preventing the density of

the disk between ∼ 5 and 10 Req from depleting. As dis-

sipation continues, the entire disk appears to dissipate

at a steady rate across all radii.

Figure 10 shows the SED for this scenario (blue dashed

line) closely matches the visible and IR observations af-

ter 21 years of dissipation. An excess of radio flux is

maintained as gas remains in the outer disk.

Figure 11 shows no Hα emission (blue dashed line)

remains after dissipation, consistent with the diskless

NRES/LCOGT 2020 observation. In Figure 12, the Hα

EW shows that this scenario (blue dashed line) requires

∼ 17 years to reproduce the diskless profile when α = 1.

Since α and Rout both affect the rate of disk dissi-

pation, they must be determined simultaneously. Fig-

ure 13 shows an interpolated grid of models for the this

scenario computed over the ranges of 0.2 < α < 1.5
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Figure 9. Changes in the Hα line (top left), the disk temperature structure (bottom left) and the visible (top right), IR (middle
right) and radio (bottom right) SEDs during the disk dissipation of the constant αT , n = 3.5 model. The Hα spectra are not
continuum normalized to clearly show the increase in peak flux during dissipation. The SEDs include observations made before
1989 (grey triangles) and after 1989 (black circles) from Figure 6.

and 100 < Rout < 1000 Req. The black line indicates

which models dissipate from the initial state to having

no Hα emission in 21 years. The combination of α = 0.4

and Rout = 115 Req was determined to best reproduce

the observations acquired after 2, 5, 8, 9, 12, 14, 17, 19

and 21 years of dissipation. Figure 12 shows that this

model closely reproduces the Hα EW curve. This model

is further compared to the data in Figures 14, 15, and

16.

For each stage of dissipation in Figure 14, non-

coherent electron scattering was accounted using the

method described in Subsection 4.1. As previously men-

tioned, the 0 year model required the electron thermal

velocity in the disk to be 500 km s−1 when 22 % of the

light is scattered by the electrons. The electron thermal

velocity required to broaden the line at all times during

the dissipation is ∼ 560±10 km s−1 (which corresponds

to a kinetic temperature of ∼ 12400 ± 500 K). The

fraction, f , of scattered light drops during dissipation,

going from f = 20% at 5 years to f = 14% at 12 years,

and f = 4% at 19 years. This is expected, as f should

decrease with decreasing disk density.

Figure 15 shows the observed polarization from HPOL

near the onset of dissipation. The constant αT , n = 2.6

scenario with α = 0.4 and Rout = 115 Req is overplotted
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Figure 10. SEDs for each of the dynamical scenarios after dissipation. For comparison the best fitting initial steady state is
shown. The observed data is the same as that presented in Figure 6. The two models from the variable αT scenarios lie on top
of each other. The colours for each model are consistent with Figure 8.

Figure 11. The same as Figure 10 for the Hα line profile.
The simulated lines were convolved using the Gaussian de-
termined to give the best fit in Figure 4. The models from
the constant αT , n = 3.5 and n = 2.6 scenarios lie on top
of the NRES/LCOGT 2020 observation and in absorption.
The colours for each model are consistent with Figure 8.

Figure 12. The same as Figure 10 for the Hα EW. The solid
vertical grey line indicates the onset of dissipation, and the
dashed grey line indicates when the Hα line was observed
to transition to absorption. While the model parameters
differ, the constant αT , n = 2.6 scenario with α = 0.4 and
Rout = 115 Req is shown for comparison. The colours for
each model are consistent with Figure 8.
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Figure 13. Combinations of α and Rout that allow the
constant αT , n = 2.6 scenario to lose all Hα emission in 21
years. The grid of models has been interpolated. The vertical
dotted line indicates the transonic radius (Okazaki 2001).
The models which best match the observed Hα emission line
dissipation are indicated by the point at α = 0.4 and Rout =
115 Req.

for comparison at the same time intervals as in Figure

14.

In Figure 16, we compare to each of the observables

for α = 0.1, 0.4 and 1.0. The errors for each model were

computed using a 1σ deviation of ten unique simulations

run for each model. The EW begins to change most

rapidly nine years after the onset of dissipation, and

decreases steadily for the following ten years until the

line drops into absorption. For both the V-band mag-

nitude and the continuum polarization the most rapid

change occurs between zero and five years. During this

time, the α = 0.4 disk dims by ∼ 0.1 mag. The per-

cent polarization intrinsic to the α = 0.4 disk drops

steadily by ∼ 0.2 % every five years. For comparison,

the bottom panel shows the observed polarization posi-

tion angle intrinsic to the disk, computed from the per-

cent polarization. We find polarization position angles

range between ∼ 94◦ and ∼ 104◦ and appear to remain

constant through the dissipation event. These polariza-

tion position angles are consistent with the angle of 98◦

determined in Section 2.

4.2.3. Building and Dissipating a Non-Isothermal Disk

Here we investigate both the building and dissipation

phases using the assumption of a non-isothermal disk.

For reasons made apparent below, we refer to these mod-

els as the variable αT , n = 2.7 scenario. In this case,

the fluid equations no longer limit the density profile to

n = 3.5, however we require knowledge of the now insep-

arable αT parameter. We assume a power-law relation

between the product αT and the disk radius given by,

α(r)T (r) = α0T0

(
Req
r

)C
(7)

where α(r) and T (r) are the disk viscosity and disk tem-

perature at radius r, α0 and T0 are the disk viscosity

and disk temperature at r = Req, and C is a constant

power-law index. We chose α0 = 1 and T0 = 60% of

Teff .

We tested values of C ranging from 0.1 to 100 and

found C = 2 to most closely match the n = 2.6 density

slope. As shown in panel c) of Figure 8 the disk was

unable to build to n = 2.6, with the majority of the outer

disk having n ≈ 2.7. The timescales required to build

the outer disk to n = 2.6 were on the order of 1000 years,

significantly greater than time period that 66 Oph built

its disk. The long viscous timescales at the outer disk are

explained by the low viscosity inferred from Equation

7. For instance, assuming a constant temperature and

C = 2, then α(r = 100 Req)/α0 = 0.0001.

Figure 10 shows that the SED for this scenario (yel-

low line) reproduces the observed visible spectrum and

radio excess after 21 years of dissipation, however it re-

mains too bright at IR wavelengths. The Hα line profile

is shown in Figure 11 (yellow line) after accounting for

non-coherent electron scattering using the process out-

lined in Subsection 4.1. We see that the emission re-

mains too strong, evidence that the disk depletes too

slowly, which is also seen in the Hα EW in Figure 12

(yellow line).

4.2.4. Dissipating a Non-Isothermal Disk from a Defined
Density

For our final dynamical scenario, we again adopt an ad

hoc solution starting from the best quasi-steady model

of Section 4.2.1 to study the dissipation phase using the

non-isothermal assumption. We refer to these models

as the variable αT , n = 2.6 scenario. In this case, we

assume that the outer disk could have built through past

(undocumented) disk events, since Be stars remain on

the main sequence for most of their lifetime (Georgy

et al. 2013). We chose to use the αT profile described

in Equation 7, with C = 2.

Panel d) of Figure 8 shows that the disk clears from

the “inside-out”. The most rapid change to the disk’s

density occurs within the first five years, beyond which

the density decreases more slowly. The final five years

of dissipation produces a change in density at 10 Req of

∼ 0.5%. As before, we find the viscous timescales of the

outer disk are too large since αT decreases too rapidly

with radius.
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Figure 14. Hα emission line dissipation modelled with
the constant αT , n = 2.6 scenario. The thick, dark lines
correspond to observations. The thinner, lighter lines are
models using constant α and isothermal disks with α = 0.4
and Rout = 115 Req. The 0 year model corresponds to
ρ0 = 2.5 × 10−11 g cm−3 and n = 2.6.

Figure 15. Comparison of the polarization spectrum ob-
served by HPOL on June 28th, 1989 and the models pre-
sented in Figure 16. The interstellar polarization, as deter-
mined in Section 2, was subtracted from the HPOL spec-
trum.

Figure 10 shows this scenario (red line) does not match

the diskless SED observations as closely as the isother-

mal models. After dissipation, this scenario more closely

matches the diskless model from the UV to the near IR,

and more closely matches the quasi-steady state in the

far IR. Similarly to the variable αT , n = 2.7 scenario,

the excess radio flux remains bright, matching the ob-

servations.

Figure 11 shows Hα emission (red line) remains too

strong after 21 years of dissipation. Again, the line was

adjusted to account for non-coherent electron scatter-

ing. During dissipation the peak flux of the line profile

is reduced from ∼ eleven to nine times the continuum

flux, but does not go into absorption. Dissipating for an

additional 1000 years, further decreases the peak flux of

the line profile by a negligible ∼ 0.1%. Figure 12 shows

the Hα EW dissipates too slowly to match observations

in this scenario (red line).

5. DISCUSSION AND SUMMARY

The goal of this work is to use VDD theory to model

the quasi-steady state of 66 Oph’s disk, and then fol-

low the subsequent 21 year dissipation until the Hα line

transitions from emission to absorption. Using thou-

sands of models constrained by photometric, polarimet-

ric and Hα observations, we determined the physical

properties of the disk as it evolved.

We determined a set of stellar parameters (Table 2)

using MCMC fitting of the UV spectrum. These param-

eters are consistent with those reported in the literature

and were also confirmed by comparison to observations

of 66 Oph obtained after dissipation (see Figure 10).

We used diskless polarimetric observations obtained

in 2016 to determine the interstellar polarization in the

direction of 66 Oph more accurately than previous stud-
ies using nearby field stars (see the work by Draper

et al. 2014). We modelled the interstellar polarization

by fitting a Serkowski law to these diskless observations.

The interstellar polarization was then subtracted from

HPOL observations, acquired when the disk was present,

to determine the polarization level and position angle of

the disk (Figure 16). Using the QU diagram (Figure

2) we also determined the disk’s polarization position

angle to be θint = 98 ± 3◦. Our two methods of de-

termining the polarization position angle were found to

agree. This confirms our interstellar polarization correc-

tion using the 2016 LNA/OPD observations.

In this investigation, we begin by studying in detail

the quasi-steady state phase of the disk, prior to the

dissipation that started in 1989. Then, we used four dif-

ferent hydrodynamic scenarios to explore disk evolution.

These scenarios assumed the disk was either isothermal
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Figure 16. Comparison of the observables shown in Figure 1 (black crosses) with the models presented in Figure 14 (coloured
circles) over the period of disk dissipation. Additional simulated observables for α = 0.1 and α = 1, and the observed
polarization position angle intrinsic to the disk, are presented for comparison. The error bars show the 1σ deviation of 10
simulations computed for each model. The color of each model corresponds with the same colors used in Figure 14. The vertical
grey lines are the same as in Figure 1.

or non-isothermal, and built to the quasi-steady state

before dissipating or dissipated from a defined density

distribution.

Our best fit disk model to the quasi-steady state,

constrained by observations of the Hα line profile and

SED, and verified by the polarization, has a density

of ρ0 = 2.5× 10−11 g cm−3, n = 2.6, and i = 57.5◦

with the outer disk radius at the lower-limit of Rout =

100 Req. The density slope, n, is consistent with the

results of Waters et al. (1987) who reported n = 2.5 and

Vieira et al. (2017) who found n = 2.6, however, both of

these studies found disk base densities at the innermost

disk approximately one order of magnitude less dense.

The close agreement of the density slope suggests it has

been well constrained, however further study into the

base density is necessary.
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The scenario assuming an isothermal disk that builds

and then dissipates (the constant αT , n = 3.5 scenario)

reached a density slope of only n = 3.5, much steeper

than the best fit quasi-steady state model with n = 2.6.

As a result, the disk was not bright enough and dissi-

pated too quickly due to the rapid density fall-off with

radial distance. Interestingly, this scenario predicted a

brightening of the Hα flux shortly after the onset of dis-

sipation. We attribute this to the heating of cool regions

of the disk at greater radial distance from the star as the

innermost disk accretes. This phenomenon was not ob-

served in disks with smaller values of n.

Next, we explored isothermal disks that dissipated

from our best fit quasi-steady state (the constant αT ,

n = 2.6 scenario). We were able to constrain Rout si-

multaneously with α as shown in Figure 13. We find

Rout = 115 Req and α = 0.4. This scenario and these

values successfully reproduced the rate of dissipation for

all observables considered (Hα, V-band polarization and

magnitude). A remarkable fit of Hα line profile was ob-

tained at selected epochs of disk dissipation (Figure 14).

Krtička et al. (2011) estimated the outer radius of Be

star disks. Using their equation 5 and estimating the

rate of change in the moment of inertia using the pre-

scription from Claret & Gimenez (1989) along with our

determination of Ṁ from SINGLEBE, we obtain an outer

disk radius of ∼ 125 Req, which is in relatively good

agreement with our value determined above.

For the scenario with a non-isothermal disk that builds

and dissipates (the variable αT , n = 2.7 scenario) we

use a power-law αT that varies with radius as r−2. The

viscous timescales of this scenario was found to be too

large to reproduce the rate of dissipation. After 21 years

of dissipation much of the disk remained, and while the

visible and near IR flux match the diskless star, the Hα

and far IR remained too bright. However, the outer disk

dissipated very little, and the predicted radio emission

closely matched the JVLA observations from 2010.

Finally, we considered a non-isothermal disk and fol-

lowed dissipation again from our best fit quasi-steady

state (the variable αT , n = 2.6 scenario). We use the

same procedure as the constant αT , n = 2.6 scenario,

and the power-law αT from the variable αT , n = 2.7

scenario. This scenario dissipated similar to the other

variable αT scenario, and the predicted observables re-

veal that the disk was still present after 21 years.

Our models show that the excess radio emission ob-

served in 2010 (Figure 6) can only be reproduced if 66

Oph’s outermost disk is unaffected by the dissipation.

This suggests that a large mass reservoir was built in

the outer disk, as discussed in Ŕımulo et al. (2018) and

Ghoreyshi et al. (2018).

Overall, we find that the constant αT , n = 2.6

(isothermal) scenario, using α = 0.4 and Rout =

115 Req, best reproduces the observed dissipation of

66 Oph’s disk. However, this scenario fails to explain

how the disk could build to n = 2.6. These smaller

values of n can be reached with a non-isothermal as-

sumption, however all of our non-isothermal scenarios

failed to match the timescale of dissipation. It is possible

that other prescriptions for αT , other than a power-law,

might help this issue.

Another explanation for low values of n might due

to the accumulation effect described by Panoglou et al.

(2016) and by Cyr et al. (2017). Basically, the disk den-

sity becomes shallower due to the build up of material

inward of a binary companion. This effect was not ex-

plored here, but we point out that our results indicate

that the disk around 66 Oph is quite large, suggesting

that the existence of a close by companion is unlikely.

In future work, we aim to better understand the struc-

tures of α and T in the disk. It may be possible to empir-

ically model α as a function of radius using a set of other

time-series emission lines during the dissipation phase,

as different lines form within different radial locations

in the disk.
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Štefl, S., Hadrava, P., Baade, D., et al. 2004, in IAU

Symposium, Vol. 215, Stellar Rotation, ed. A. Maeder &

P. Eenens (IAU Symp. 215), 166

van Leeuwen, F. 2007, A&A, 474, 653,

doi: 10.1051/0004-6361:20078357

Vieira, R. G., Carciofi, A. C., Bjorkman, J. E., et al. 2017,

MNRAS, 464, 3071, doi: 10.1093/mnras/stw2542

Waters, L. B. F. M. 1986, A&A, 162, 121

Waters, L. B. F. M., Cote, J., & Lamers, H. J. G. L. M.

1987, A&A, 185, 206

Wisniewski, J. P., Draper, Z. H., Bjorkman, K. S., et al.

2010, ApJ, 709, 1306,

doi: 10.1088/0004-637X/709/2/1306

http://doi.org/10.3847/1538-4357/aa72e4
http://doi.org/10.1086/591726
http://doi.org/10.1051/0004-6361/201526535
http://doi.org/10.3847/1538-4357/ab48e7
http://doi.org/10.1051/0004-6361/201015951
http://doi.org/10.1093/pasj/65.6.122
http://doi.org/10.1093/mnras/250.2.432
http://doi.org/10.1086/131351
http://doi.org/10.11606/T.14.2020.tde-26052019-143801
http://doi.org/10.5281/zenodo.3234849
http://doi.org/10.1093/pasj/53.1.119
http://doi.org/10.1046/j.1365-8711.2002.05960.x
http://doi.org/10.1093/mnras/stw1508
http://doi.org/10.1051/aas:1997213
http://doi.org/10.1086/133103
http://doi.org/10.1086/320806
http://doi.org/10.1086/133998
http://doi.org/10.1086/112484
http://doi.org/10.1086/130946
http://doi.org/10.1146/annurev.aa.19.090181.001033
http://doi.org/10.1086/303854
http://doi.org/10.1093/mnras/sty431
http://doi.org/10.1051/0004-6361:20031285
http://doi.org/10.1051/0004-6361:20011335
http://doi.org/10.1007/s00159-013-0069-0
http://doi.org/10.1088/1538-3873/129/971/014203
http://doi.org/10.1086/190820
http://doi.org/10.1086/190554
http://doi.org/10.3847/1538-4357/ab68dc
http://doi.org/10.1086/429126
http://doi.org/10.1051/0004-6361:20078357
http://doi.org/10.1093/mnras/stw2542
http://doi.org/10.1088/0004-637X/709/2/1306

